. This accretion probably proceeds efficiently, with sticking coefficient of order unity, until particles are about 1 m in size and impact cratering or disruption becomes significant (Chokshi et al. 1993 ). Subsequently, collisional accretion and destruction processes could be in rough balance. Weidenschilling (1984) modeled a situation in which extended evolution occurred without significant change in the particle size distribution once accretion had proceeded to this point.
In this paper we restrict ourselves to particles smaller than about 1 m in radius.
The dynamical effects of dust-gas segregation were downplayed in early studies which hypothesized a gravitational instability in this settled particle phase (Edgeworth 1949 , Safronov 1969 , and Goldreich and Ward 1973 . Despite several subsequent attacks on this aspect of the problem by Weidenschilling (1980 Weidenschilling ( , 1984 Weidenschilling ( , 1988 , it is still widely assumed in the community that the particle layer quickly becomes gravitationally unstable, leading immediately to a population of comet-sized planetesimals which are sufficiently large to be entirely decoupled from the gas. In this paper, we demonstrate that this is unlikely to occur until particles have grown by binary accretion or by sticking to a sufficient size (meters or larger) that they already contain the mass equivalent of practically all existing primitive meteorite samples. The quantity triggering gravitational instability is the volume mass density pp of the particulates. The condition for gravitational instability, while formally derived by finding growing modes from a dispersion relation, is equivalent to the condition that the oscillation frequency due to solar gravity be less than that due to local self-gravity (cf. Toomre 1964) , ep_ _ Hp_ 2 _2
"rrGo'p "rrGo-p 7"rGpp < 1, (Safronov 1987 , 1991 3 (Sekiya 1983) . These critical densities can be expressed as 2.0-2.5p*, where the quantity p* = 3Me 47rr 3 is the mass of the Sun averaged over a spherical volume with radius equal to the distance of the perturbation from the Sun. Actual bound fragments with these length scales require a considerably higher critical density (-150"; Coradini et al. 1981 , Safronov 1991 Because the gas-rich envelope of the protoplanetary nebula is partly supported by an internal pressure gradient (Weidenschilling 1977 , and Section 2.1 below), its orbital speed at I AU is 50-100 m sec -I slower than that of the particle-dominated layer (at a nebula temperature of roughly 300 K). Fractionally this is less than I%. However, in a region near the midplane where settling of particulates has brought their mass density to a value approaching or exceeding that of the gas, drag forces accelerate the entrained gas nearly to Keplerian velocity. This velocity difference generates a turbulent shear zone between the particle-dominated layer and the gas-dominated regions above and below, with turbulent speeds on the order of several meters per second. Turbulent and dynamical time scales in the boundary layer are much longer than the stopping times t_ of millimeter-to-centimeter scale particles due to aerodynamic drag. Consequently the dispersion velocity cp of such particles is also excited to a value of several meters per second, comparable to that of the gas fluctuations and sufficient to prevent further settling (Weidenschilling 1980 , Coradini et al. 1980 . Using such scaling arguments, Weidenschilling (1980) estimated a minimum thickness of the particle layer Hp which was about an order of magnitude too large for the Gold-reich-Ward instability(GWI) tooccur. Although thisvery severe problemhasbeenknownfor overa decade and duly noted in recentreviews (Weidenschilling 1988 , Weidenschilling et al. 1989 , Wetherill 1990 ), it has not been thoroughly appreciated in the broad community (e.g., Sekiya and Nakagawa 1988 , Wasson and Kallemeyn 1988 , Haack et al. 1990 , Barge and Pellat 1991 , Ruden and Pollack 1991 , Kolvoord and Greenberg 1992 , Watanabe and Miyama 1992 , Grimm and McSween 1993 . In this paper, we present detailed numerical calculations as further evidence that gravitational instability does not occur as originally suggested in disks of centimeter-scale particles, and demonstrate that it will not occur even for orders of magnitude more massive particles between 10 cm and 1 m in radius.
The most detailed recent study of gas-particle interactions in the nebula, by Nakagawa et al. (1986) Elmegreen (1978 Elmegreen ( , 1979 suggested that stellar wind flows across the face of the nebula induce turbulence. Lin and Papaloizou (1980) suggested that thermal convection drives nebula turbulence. Prinn (1990) 
where Vp is the particle vector velocity and pp is the particle volume mass density.
The momentum equations may be expressed in the general form
the drag term. In either case, t_ is the stopping time of the particles in the gas, which is inversely proportional to their drag coefficient (Weidenschilling 1977 
where
is the Keplerian speed of a free particle orbiting the Sun at a radius r, and the orbital velocity of the gas including its pressure gradient is
Here,
r OP 10 -3 (8) -r/= zk"PgV_Or Equations (3) above are just the Navier-Stokes equations in conservative form, including pressure, gravity, and gas drag terms, respectively, on the right-hand side. In these equations, the velocities are in an inertial frame, and is the gravitational potential from the Sun. For the gas phase, P is simply the thermodynamic pressure and the upper sign is chosen in the gas drag (last) term; for the particle phase P = 0 while the lower sign is chosen in after Adachi et al. (1976; see also Nakagawa et al. 1986 (A11)-(A13) become
By the same token, the particle continuity Eq. (A7) reduces to
The equations of motion for the gas are even simpler.
Because our region of interest is significantly thinner than the gas vertical scale height, and because bulk gas motions are far slower than the sound speed, the gas is treated as incompressible at a constant density. That is, we assume log = 0 = _g. Therefore we do not solve the equation of vertical momentum (A13) for the gas, while the gas continuity Eq. (A7) reduces to
ot For the gas, the central force gravity, centrifugal, and pressure gradient terms nearly cancel and, as in the particle equations, we drop demonstrably small terms to leave 
In et al. 1987a,b, 1990) . Additional difficulties mayarisein strongly, and/orsystematically, perturbed systems in whichthecorrelation termsv(v_ may result in negative or nonscalar "viscosities" (Borderies et al. 1983 , Cabot et al. 1987a ,b, 1990 , Prinn 1990 , Cabot and Pollack 1992 
The depth of the 1% shear layer is then 8 = (c_c2Jcc)(AV/ Ft), and the generic scale L = CLL E _ CLAV/_Re*. These values are only about 10 -4 of the radius in the nebula, small compared to a typical vertical scale height of the nebula gas (-10 -_ of the radius).
This scaling also indicates that our situation is probably never dominated by rotation; the Rossby number (using L = COLE, and Eqs. (20) and (27)) is
The (29) to be violated locally, implying that turbulence could also vanish near the midplane (Safronov 1991 (Safronov , 1992 Eqs. (9)- (12)). 
where we have used Eq. (16) 
where e is the dissipation rate of the turbulent kinetic energy k. Combining Eqs. (30) and (31) yields the Kolmo-
where c_ = 4c_/9 _ 0.09 (Rodi 1980) . We obtain an expression for the dissipation rate e by rewriting Eq. (31) in the form
where we have used Eq. (30) and defined the mean field 
Comparing Eqs. (35) and (36) with (28) and solving for J; we find C L adopting c_ = 0.045 (Coakely 1987) , c_ = 0.09, ca = 2.5, and cc = 1.5. A rough fluid-dynamical rule of thumb states that in turbulence surrounding a jet, which is a 2-D analog to our situation near the midplane, f_ 0.05 -0.1 (Ruff and Faeth 1987 
In turn, the diffusion coefficient D is proportional to the turbulent viscosity u T, (1988) . Figure 1 graphs Eqs. (42) and (43) (43) as our basic prescription for the Schmidt number.
For comparison, Fig. 2 shows Sc as a function of particle size for several locations in the nebula.
Drag coefficients.
We have followed the formulation of drag coefficients by Weidenschilling (1977) . The drag force on a particle of radius rp depends on the size of the particle relative to the mean free path X of a gas molecule (X _ (r/1 AU) 11/4 cm in the model nebulae presented in Section 3),
where c is the thermal speed of the gas molecules. These are known as the Stokes and Epstein regimes, respectively. In the Stokes (large particle) regime, the drag coef- 
The stopping time t_ is then given by 
Note that the drag coefficient A = (pgts)-l presented by Nakagawa et al. (1986, equation 24) in the Stokes regime 100 _ 10 Nakagawa et al. (1986) use the Rep -< 1 expression, which is not valid for particles larger than about 10 cm at 1 AU or about 1 cm in circumplanetary nebulae; it is, however, valid to particle radii up to 1000 cm at 10 AU.
Note also that ts is independent of velocity for small particles, both in the Epstein flow regime (Eq. (50)) and in the Stokes regime for Rep -< 1 (Eq. (46) 
The Numerical Approach
For the moment, we are studying a narrow annulus at an arbitrary radial location in the nebula, but nothing in the setup of the code prevents us from extending the code to two dimensions.
The numerical model itself is used to solve for the first-order perturbed quantities described in Finally, we treated particles with very long stopping times t_ > n-_ -1, which are underdamped, by an approximation also used by Weidenschilling (1984 Weidenschilling ( , 1988 . In the underdamped case, particles oscillate about the midplane and are essentially executing inclined orbits. Gas drag slowly damps their inclinations, and a layer of such particles might be thought of as "settling" at the rate at which inclinations damp. Expressions for the inclination damping rate (Adachi et al. 1976) lead to an effective terminal settling velocity of z/t S, which we substitute in our equations for the mean particle vertical velocity in this limit. 
The average gas density pg (over a scale height) and gas pressure P are then
For the purposes of this paper, the midplane gas density is taken to be the same as this average value. Also, 
In this paper, we use a standard "minimum mass" circumstellar nebula with M D = 0.0425M o, p = 1.5, and q = 0.5. This leads to a total surface mass density o-0 -_ 1700 g cm -2 at the reference radius of 1 AU. In the baseline model, the gas density at I AU is 1.4 x 10 9 g cm-3 and the temperature is 280 K. The molecular mean free path is about 1 cm, so most of the particles at 1 AU are in the Stokes drag regime (Section 2.3.2). Because it is too warm for water ice to condense, the minimum mass fraction of 5.3 × 10 3 gives the particles a surface mass density of about 9 g cm -2. At 10 AU, the gas volume mass density is 2 × 10 12g cm-3, the surface mass density is about 55 g cm 2, the temperature is 90 K, and the particles, with all volatiles condensed, have surface density of about 0.6 g cm 2. The molecular mean free path is about 600 cm, so most of the particles at 10 AU are in 
RESULTS

Or
One can obtain the reference surface mass density in terms of the global disk parameters by normalization: Note. The nebula model is described in Section 3.
and gas velocities obtained from our code with the analytical results of Nakagawa et al. The velocities shown are relative to circular, equatorial motion at the Keplerian rate (for the particles) and relative to the pressure-supported orbital rate (for the gas). Also shown is the particle density profile which produces these velocities. The gas entrained within the dense particle layer near the midplane is driven to more rapid orbital velocity by drag with the particles. As the headwind experienced by individual particles decreases, particles locally cease their inward radial drift. Since the orbital velocity difference has not reached zero, the gas within the layer drifts radially outward relative to the surrounding gas;its radial pressure gradient still exists but it is receiving angular momentum from the particles. However, without inclusion of viscous, advective, and diffusion terms, no vertical transport of mass or momentum can be modeled, so the mean velocity profiles as well as the particle density profile remain undefined by this model. Additional physics is included in the model we present here. Alteration of the vertical profile of gas velocity by the particle layer produces vertical wind shear, which generates turbulence and turbulent viscosity. The local viscosity z, T and turbulent kinetic energy k are self-consistent functions of the local mean velocity gradients, using simple physically based models which incorporate experimentally determined parameters (section 2.2.1). Ensuing viscous stresses modify the vertical velocity distribution, and therefore feed back into the viscosity profile. The particle density is self-consistently determined by a balance between downward settling under gravity and upward diffusion in the local turbulence. The particle diffusion coefficient is related to the turbulent viscosity by the Schmidt number, which is a function of the local drag coefficients and eddy turnover frequency (Section 2.3). A fully self-consistent steady state is achieved in which the particle density profile generates sufficient turbulent diffusion to balance continual settling. Fig. 6 ; it is seen that the particle density profile does flatten slightly when turbulence is allowed to die out where the local velocity gradient gets small. However, the change is not significant.
Figures 7-9 show a more complex case at 1 AU for considerably more massive particles (60 cm radius). From Fig. 7 , it is seen that the particle year is considerably thinner than for the 10-cm particles, having a full layer thickness (at half maximum density) of only about 3000 km (compared to the 30,000-kin thickness in Figs. 4-6 ). This is due to the relative difficulty of diffusing these more massive particles. Roughly speaking, the Schmidt number Sc here is about 10 times larger than for the 10-cm-radius particles, due to a combination of stopping time and eddy frequency effects, so from Eq. (62)one might argue simplistically that the equilibrium density gradient could be roughly 10 times larger. In fact, the peak particle density is now more than 10 times that of the gas (a local enhance- (1977) . Near the midplane, the massive particle layer drives the gas nearly to Keplerian velocity, and inward radial drifts for the particles decrease (as in Nakagawa et al. 1986 ). Velocity differences between particles and gas are shown in Figure 8 . Figure  7 demonstrates a strong outward flow of gas across the faces of the dense particle layer. This is due to exchange of angular momentum between the particles and the gas. These profiles are quite similar to those seen in the classical Ekman flow regime (e.g., Batchelor 1967 , Holton 1972 . Figure  9 repeats the particle density and gas velocity profiles from Fig. 7 
Model Results at 10 AU
Figures 10 and 11 show the behavior of a layer of 20-cm-radius particles at a distance of 10 AU from the star. Here, the gas density is 2 x 10-_2g cm-3, the temperature is about 90 K, and the particle surface mass density is only 0.6 g cm -2. Qualitatively similar behavior is seen as for the 60-cm particle disk at 1 AU, but here the vertical length scale is larger. Note from •,.. ,, -",,_ i "i,. ". % P \?-,,,_. and 10 AU, 20 cm particle radius), the effect is too small to offset the role of turbulence in preventing the density from attaining any critical value. In one case shown earlier ( Fig. 12; In most ways (except for the poorly understood global turbulence) we expect these future results to differ primarily in a quantitative sense.
Enhancement of Solid Gas Ratio near the Nebula Midplane
First, of course, settled particle layers with lifetimes which appear to be long (relative at least to nominal particle settling times or orbit periods) provide an environment for planetesimal formation in which the solid/gas ratio is enhanced by one to three orders of magnitude compared to the well-mixed value of 10 -2 . In the context of these models, an enhancement as large as -103 , in the range apparently required by some meteoritic oxidation states, does require a substantial fraction of the mass to have grown into particles of radius greater than l0 cm. For instance, the 10-cm-radius particles shown in Fig. 4 exceed the gas density only by a factor of a few, yielding an enhancement factor of a few hundred. The only way that subcentimeter chondrule-sized particles by themselves could ever attain significant enhancements by settling in this way to the nebula midplane would be if the nebula gas density were much less than the minimum mass value we have assumed.
One intriguing evolutionary scenario involves a potentially nonlinear settling stage. Smallish particles, which are easily supported in a layer of low vertical velocity gradient and therefore low viscosity and turbulent kinetic energy (perhaps even more extended than in Fig. 4 Fig. 9 (1 AU, 60 cm particle radius), 
Gravitational Instability Precluded
A summary of critical mass densities Pp,crit required to achieve the easiest (axisymmetric) small-scale gravitational instability is given is Section 1. Good recent reviews have been presented by Weidenschilling et al. (1989) , Wetherill (1990), and Safronov (1991) "_ 1000 it is clear that mass growth limits the distance which a growing planetesimal will drift. In either of the 1-AU environments, planetesimals grow so fast that they do not drift more than about 10 -2 AU from their initial location! The situation is similar at l0 AU. These radial drift results are smaller than noted by Weidenschilling (1988) , because of the smaller mass growth associated with his smaller assumed midplane particle mass densities (_p = pg). This growth effect is also distinct from that of Nakagawa et al. (1983) in which only 10-km planetesimals were considered and in which the only role of gas drag was to replenish planetesimal feeding zones. We can compare planetesimal growth rates due to differential drift with those estimated using the standard binary accretion formulae (Safronov 1972 , Lissauer 1987 , Wetherill 1990 ). The binary collision growth time t,,,.b may be approximated by
.01
.001 :-' '"'"I '"'"'I _'"'"I '"'"'I ' '"'"I ' '"'"I ' '"'"I '"'"'I '"'=-- (heavy curves, 60-cm-radius particles as described in Fig. 7 ; light curves, 10-cm-radius particles as shown in Fig. 4) . The linear drift regime at times less than 102 years or so corresponds to the simple expression in Eq. (68); however, in all cases, the drift rate decreases because of mass growth, and the ultimate radial decay of such a planetesimal is no more than about 10 2 AU. (Bottom) Similar results at l0 AU, as in Fig. i9 (p_ = l). 
For the case of Fig. 7 , the ratio is roughly J_/300, and for the case of Fig. 4 , it is about three times smaller. That is, in the 60-cm particle layer, the drift-augmented accretion time scale is faster than the local "binary" accretion time scale until the gravitational focusing factor of the growing planetesimal exceeds 300. This requires the planetesimal to grow (presumably by drift-augmented accretion) to a radius rp > 140 km for Ps = 3 and AVp _ 1000 cm sec i. The very limited radial decay of these accreting objects allows us to consider them as essentially fixed, while the "particle disk" in which they are embedded drifts rapidly inward past them. evolving disk material will encounter some planetesimal in the region r < 2 AU, rather than being lost into the Sun. Half of the optical depth of the particle disk of Fig. 7, for The interval between crossings of the particle layer is --LZ/vv --_ fV 1. During the Zp j crossings that must occur before the chip is accreted onto a larger particle, its relative radial excursion is (at 1 AU)
where _g -_p is the differential mean velocity in the regions above the concentrated particle layer. We assume meter-sized particles in calculating % _ 10 3 and evaluate Eq. (76) 
At 5 However, a complication here, as with the mechanism of Stevenson and Lunine (1988) 
where G is the Newtonian constant of gravitation, M is the mass of the Sun, and R -= _/_ + z 2 _ r is the distance from the Sun. For the gas phase, P is simply the thermodynamic pressure and the symbol _+ is a plus sign, but for the particle phase 
where +O-,.o/r-r_7(rp'v'77 )
In contrast, experience also showed that the vertical momentum equation was most stable in conservative form. Reynolds averaging Eq. (A4) directly then gives
Here we have defined the turbulent Reynolds stresses Particle velocities are shown relative to Keplerian velocity v_ (Section 1.1.1, Section 3, and Weidenschilling 1977). The particle mass density profile is the dot-dashed line (mass density scale along the top axis). Drag coefficients were slightly different in the two cases, accounting for the different velocities high above the turbulent boundary layer. Drag coefficients in this comparison also differ from those employed in the remainder of the paper: for example, in these two cases the Schmidt number is calculated using the orbital frequency for the eddy turnover frequency, which somewhat increases the diffusivity of the particles. Nevertheless, these two cases illustrate the relative differences between Favre-and Reynolds-averaged results. Note in the Favre solution that there is no change in the particle fall velocity in the turbulent boundary layer, whereas one would expect turbulent diffusion to diminish it. This is partly an issue of inconsistent definitions. Furthermore, note the fact that the particle longitudinal velocities Vpexceed Keplerian near the midplane, apparently a nonphysical result. In other cases using Favre averaging we have seen the particles acquire an outward drift velocity near the midplane, also, we believe, nonphysical, Both of these difficulties are cured in the Reynolds-averaged solution (top).
for both phases.
It remains to model the correlations appearing in (17) 
